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ABSTRACT
Sgr A* is an ideal target to study low-luminosity accreting systems. It has been recently pro-
posed that properties of the accretion flow around Sgr A* can be probed through its inter-
actions with the stellar wind of nearby massive stars belonging to the S-cluster. When a star
intercepts the accretion disk, the ram and thermal pressures of the disk terminate the stel-
lar wind leading to the formation of a bow shock structure. Here, a semi-analytical model is
constructed which describes the geometry of the termination shock formed in the wind. With
the employment of numerical hydrodynamic simulations, this model is both verified and ex-
tended to a region prone to Kelvin-Helmholtz instabilities. Because the characteristic wind
and stellar velocities are in ∼ 108 cm s−1 range, the shocked wind may produce detectable
X-rays via thermal bremsstrahlung emission. The application of this model to the pericenter
passage of S2, the brightest member of the S-cluster, shows that the shocked wind produces
roughly a month long X-ray flare with a peak luminosity of L ≈ 4 × 1033 erg s−1 for a stel-
lar mass-loss rate, disk number density, and thermal pressure strength of M˙w = 10−7M yr−1,
nd = 105 cm−3, and α = 0.1, respectively. This peak luminosity is comparable to the quiescent
X-ray emission detected from Sgr A* and is within the detection capabilities of current X-ray
observatories. Its detection could constrain the density and thickness of the disk at a distance
of ∼ 3000 gravitational radii from the supermassive black hole.
Key words: The Galaxy: centre – Physical Data and Processes: hydrodynamics, radiation
mechanisms; thermal, accretion
1 INTRODUCTION
Stellar wind bow shocks form due to the supersonic transit of out-
flowing gas from a star while interacting with an ambient medium.
The formation of such structures has been studied extensively,
ranging from colliding winds in a binary system (Stevens et al.
1992; Canto et al. 1996), to interactions between the stellar wind
of a single star with an ambient medium (Canto et al. 1996;
Wilkin 1996, henceforth W96), to Modelling heliospheric struc-
tures around the heliopause (Drake et al. 2015; Washimi et al.
2015), as well as non-thermal particle acceleration at the shock
front (Guo et al. 2014). Studying the post-shock emission provides
a means to probe different properties of both the stellar wind and
the ambient medium (e.g. density, velocity, temperature).
The compact radio source, Sgr A*, marks the location of the
supermassive black hole at our Galactic center. Accretion onto the
black hole is believed to power the radio, IR, and X-ray emission
produced around Sgr A* (Genzel et al. 2010). Located near the
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Galactic center is a group of early, type-B stars known as the S-
cluster. These stars have been the target of extensive observational
effort in an attempt to identify their evolutionary stage and origin
(Eisenhauer et al. 2005; Ghez et al. 2005; Gillessen et al. 2009b).
The orbits of many S-stars are likely to intercept and interact with
the accretion disk surrounding Sgr A*. The brightest member of
the S-cluster, S2, is a massive, main-sequence star with a mass-
loss rate of M˙w 6 3 × 10−7 M yr−1 (Martins et al. 2008) and is
characterized by its tight orbit with a pericenter distance of ∼ 3000
Rg, where Rg is the gravitational radius (Gillessen et al. 2009a).
Interactions between the disk gas and the stellar wind will cause a
bow-shock structure to form, eventually engulfing the star. Given
that the characteristic velocities of the wind and disk fluid are a few
108 cm s−1, the shocked fluid is expected to radiate in the X-ray
band.
The use of S2 as a probe of accretion disk properties (e.g
density and temperature) of Sgr A* was first proposed by Gian-
nios & Sironi 2013, hereafter GS13. By comparing the ratio of
the expansion timescale to the bremsstrahlung cooling timescale
of the shocked stellar wind while adopting a spherically symmetric
model, they were able to estimate the radiated, thermal, X-ray lu-
minosity. The peak emission was predicted to take place around the
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pericenter passage of the star, where the ram pressure from the disk
becomes maximal, with the X-ray luminosity potentially exceeding
the quiescent emission from Sgr A*. A more detailed calculation of
the radiated power is required as the next pericenter passage of S2
is expected in 2018.
In this study, an expansion is made upon the previous work
of GS13 by constructing a two-dimensional, semi-analytical model
for the shocked stellar wind region. To do so, axisymmetry is as-
sumed while following a similar analysis of momentum supported
bow shocks presented by W96 which emphasizes the conserved
momentum flux within the shocked region. With the inclusion of
thermal pressure from the disk, the shape of the shock surface is
then derived as a function of α, i.e. the ratio of the thermal pres-
sure to the ram pressure of the disk. Here, the thermal pressure
of the disk is expected to be non-negligible due to the disk being
radiatively inefficient and partially pressure supported. Quantities
downstream from the termination shock (e.g. density, temperature,
pressure) may then be determined by using the Rankine-Hugoniot
conditions. The semi-analytic formalism adopted for the descrip-
tion of the system allows for a more accurate computation of the
thermal bremsstrahlung radiated power produced by the shocked
stellar wind.
Since the semi-analytical model is built upon a series of as-
sumptions, the validity of these results is tested through detailed hy-
drodynamic simulations. The presented model is found to provide a
good description of the shock surface and of the thermodynamical
properties in the downstream region of the forward shock up to an
angle θ ≈ pi/2, where θ is measured with respect to the symmetry
axis. At larger angles and at larger distances in the tail of the bow
shock, the semi-analytical model is not able to describe the mix-
ing of the shocked disk and stellar wind fluids caused by Kelvin-
Helmholtz instabilities. The role of the latter on the radiative output
of the mixed fluids is, therefore, investigated solely through numer-
ical hydrodynamic simulations. These simulations are also used to
investigate, more realistically, the time-dependent problem: namely
a situation where the disk density changes on a timescale similar to
the time it takes for the star to complete its pericenter passage.
This paper is structured as follows. In Sec. 2, the mathematical
formulation of the system of colliding fluids is presented along with
the semi-analytical results. In Sec. 3, a discussion is given on the
employment of numerical hydrodynamic simulations used in order
to test the validity of the model as well as to determine the thermal
radiated power produced by the shocked wind regions. In Sec. 4,
this model is applied to the accretion disk of Sgr A* and specific S-
stars while putting an emphasis on S2. By Modelling the pericenter
transit of S2 as it precesses through the accretion disk of Sgr A*,
we will make predictions of possible, observational signatures. A
discussion and summary of the results are then given in Sec. 5 and
Sec. 6 respectively.
2 THE MODEL
In order to derive the shape of the shocked stellar wind region, it
is assumed that the wind-disk system has reached a steady-state1
and that the shocked wind region can be described as a thin shell
(i.e., H << R where H and R are the shell’s width and radial dis-
tance from the star). Within the thin-shell approximation, the con-
tact discontinuity, which separates the shocked stellar wind from
1 The steady state assumption is relaxed in Sec. 4 where time-dependent
disk properties are simulated numerically.
the shocked disk material, and the termination shock of the stellar
wind coincide.
In the rest frame of the star, the stellar wind is assumed to
be isotropic with a mass-loss rate of M˙w and constant velocity
vw = eˆrvw, with the unit vector denoting the spherical radial direc-
tion. The disk fluid has a constant mass density ρd and, in the rest
frame of the star, moves with a speed vd = −V?, where V? is the ve-
locity of the star. Let the z-axis be the symmetry axis of the system
and the motion of the star as it precesses through the disk to be in
the eˆz direction. In the rest frame of the star, the gas from the disk
approaches the star from the −eˆz direction. The standoff distance
of the termination shock is determined by balancing the pressures
from both sides of the shocked region. The ram pressure of the stel-
lar wind decreases with increasing radius R as Pw = M˙wvw/4piR2.
The disk pressure is the sum of the thermal and ram pressures, the
latter being a result of the relative motion of the disk and the star.
The ram pressure of the disk is Pd = ρdv2d while the thermal pres-
sure is defined as a multiple of the ram pressure, Pth = αPd. Values
of α within the range 0 6 α 6 1 are considered2, with α = 0
representing a cold disk as described by W96. By matching the
pressures, the standoff distance is
R0 =
√
M˙wvw
4pi(1 + α)ρdv2d
, (1)
which sets the characteristic length scale of the system. The dis-
tance R1 of the termination shock in the opposite direction of the
standoff point is determined by balancing the ram pressure from
the unshocked wind with the pressure of the shocked wind, the lat-
ter estimated to be the thermal pressure of the disk. This may be
written in terms of R0 as R1 = R0
√
1 + α−1.
The mass and total momentum flux traversing an annulus of
the shocked region are 2pi times the following
Φm = Rσvt sin θ, (2)
Φt = Rσv2t sin θ (3)
whereσ and vt are the mass surface density and the tangential speed
of the fluid within the shocked region, respectively. In a steady-state
situation, the mass flux moving within a cross sectional ring of the
shell is equal to the sum of the mass flux imparted from the wind
on the solid angle occupied by the shocked region of the forward
shell plus the mass flux from the disk hitting the circular area of the
projected cross section of the shell
Φm =
M˙w(1 − cos θ)
4pi
+
1
2
R2ρdvd sin2 θ. (4)
The flow of shocked gases within the shell depends on the
incoming momentum fluxes. Let us consider a small wedge of con-
stant width ∆φ in the azimuthal direction about the symmetry axis.
The rate at which vector momentum is being imparted on the wedge
of the shell by the stellar wind is
Φw(θ)∆φ = ∆φ
∫ θ
0
ρwR2vwvw · eˆr sin θ′dθ′ =
= ∆φ
M˙wvw
8pi
[
(θ − sin θ cos θ) eˆ$ + sin2 θ eˆz
]
(5)
where ρw = M˙w/(4piR2vw) was used and $ = R sin θ denotes the
2 For α > 0.6, a shock does not form in the disk, since the motion of the
star through the hot fluid of the disk becomes subsonic; if γ = 5/3 is the
adiabatic index of the disk fluid, then cs/vd =
√
γα > 1 for α > 1/γ. The
stellar wind, however, is always terminated through a strong shock.
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Figure 1. A three-dimensional view of the termination shock surface. From left to right α = 10−5, 0.05, and 0.1. A sphere of fixed size, centered at the position
of the star, is overplotted in order to demonstrate the different scales among the structures.
cylindrical radial coordinate. The integration was performed on a
spherical surface with unit element dA = eˆrR2 sin θdθ, which is
valid as long as the surface integral of the wedge region is inde-
pendent of the shell’s shape, R(θ). The latter is true thanks to the
fact that the system is momentum conserving, as first mentioned in
W96.
The rate at which vector momentum is being imparted on the
same wedge by the accretion disk is
Φd(θ)∆φ = ∆φ
∫ θ
0
[−PthI + ρdvdvd] · eˆrR2 sin θ′dθ′ =
−∆φR
2ρdv2d
2
[
α(θ − sin θ cos θ) eˆ$ + (1 + α) sin2 θ eˆz
]
(6)
where I is the identity tensor. If the thermal pressure of the disk is
neglected, i.e. α = 0, the result of W96 is recovered.
The rate at which the total vector momentum is being de-
posited is therefore the sum of the individual contributions, namely
Φt(θ) =
M˙wvw
8pi
[
eˆ$(θ − sin θ cos θ)(1 − λr2) + eˆz(1 − r2) sin2 θ
]
(7)
where λ is defined as
λ ≡ α
1 + α
(8)
and r is the dimensionless radial distance defined as
r(θ) ≡ R(θ)
R0
. (9)
The inclusion of the thermal pressure in the disk results in a de-
crease of the cylindrical radial component of the total momentum
flux imparted on the shell. This affects the shape of the shell in
such a way that, if α is non-negligible, the termination shock will
enclose the star and will no longer extend out to infinity, as found
by W96 for the case of a cold disk.
2.1 The shape of the termination shock
The key point stressed by W96 is that the shape of the shell is not
determined by the local balance of different pressures acting on it,
but by the condition that the total vector momentum flows in the di-
rection tangential to the shocked region (i.e. the natural direction).
To determine the shape of the termination shock as a function of
θ, a transformation of coordinates is made from ($, z) to (r, θ) by
using dz/d$ = Φt,z/Φt,$. This leads to
r′ cos θ − r sin θ
r′ sin θ + r cos θ
=
(1 − r2) sin2 θ
(θ − sin θ cos θ)(1 − λr2) , (10)
where r′ ≡ dr/dθ. A rearrangement of eq. (10) yields the following
differential equation for r(θ)
r′ =
r sin θ
[
θ(1 − λr2) + r2(λ − 1) sin θ cos θ
]
(1 − λr2)(θ − sin θ cos θ) cos θ − sin3 θ(1 − r2) (11)
which can be solved numerically for different values of λ with
r(0)=1 as an initial condition. By setting λ = 0, the solution of
the equation above reduces to r(θ) = csc θ
√
3(1 − θ cot θ), as given
by W96.
Figure 1 shows a three-dimensional view of the termination
shock surface obtained after solving eq. (11) for α = 10−5, 0.05
and 0.1, under the assumption of axisymmetry in the eˆφ direction.
To illustrate the different scales among the three cases, a sphere of
fixed size is overplotted and centered at the position of the star. The
radius of the sphere does not represent the actual radius of the star.
The increasing thermal pressure of the surrounding medium drives
R0 closer towards the star while confining the shock into a closed,
oval-shaped surface. Figure 2 shows the radial dependence of the
termination shock obtained by solving eq. (11) for various α values
up to an angle of pi/2. The reasons for choosing the particular θ
range will become apparent in Sec. 3. The distance of the shock
increases already by 10% with respect to the standoff value at θ '
pi/5−pi/4, for all α values. However, only for α > 0.11 do the effects
of the disk’s thermal pressure on the shape of the shock surface at
θ = pi/2 become evident.
2.2 The shocked stellar wind
The properties of the shocked, stellar wind, e.g. temperature and
number density, are crucial for the calculation of the radiated ther-
mal bremsstrahlung power. These properties are determined by us-
ing the Rankine-Hugoniot jump conditions across the shock front
with the assumption that the shape of the termination shock is ad-
equately described by r(θ) and that the stellar wind is an ideal gas
with a specific heat ratio γ = 5/3.
The application of the jump conditions requires the knowledge
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Figure 2. Plot of the termination shock distance R, normalized to R0, as a
function of θ for the α values marked on the plot. These values correspond
to λ values of 0.005, 0.05, 0.1, 0.23, and 0.35.
of the normal and tangential unit vectors along the shock surface.
The latter is obtained by knowing thatΦt flows tangential to surface
nˆt ≡ Φt|Φt| = A$(θ)eˆ$ + Az(θ)eˆz, (12)
where
A$(θ) =
(θ − sin θ cos θ)(1 − λr2)
fλ(θ)
(13)
Az(θ) =
sin2 θ(1 − r2)
fλ(θ)
, (14)
and fλ is defined as
fλ(θ) =
[
(θ − sin θ cos θ)2(1 − λr2)2 + sin4 θ(1 − r2)2
]1/2
. (15)
The normal unit vector outward to the termination shock is then
determined from eq. (12) and is written as
nˆ⊥ = −Az(θ)eˆ$ + A$(θ)eˆz. (16)
All quantities of the shocked stellar wind, i.e. in the downstream of
the shock, will be noted with the subscript ‘sw’. The mass density
ρsw of the shocked stellar wind is given by
ρsw(θ) = ρd
γ + 1
γ − 1
(
vd
vw
)2 1
(1 − λ)r2(θ) . (17)
As ρsw ∝ ρd, changes in the density of the disk fluid will directly
affect the thermal bremsstrahlung power from the shocked stellar
wind (see Sec. 3.3.3). The density of the shocked wind depends
also on the thermal pressure of the disk, not only in a direct way
through the (1 − λ)−1 term, but also indirectly through the shape of
the shock surface r(θ) (see also Fig. 2). In particular, the density
should increase for a higher λ value for all angles θ, while at the
standoff-distance, i.e. for θ = 0, it scales as ρsw(0) ∝ (1 − λ)−1.
The normal components of the velocities across the shock
front are related as vsw⊥ = ρwvw⊥/ρsw, where
vw⊥(θ) ≡ vw · nˆ⊥ = vw (− sin θ Az(θ) + cos θ A$(θ)) . (18)
The thermal pressure and temperature of the shocked region are
written as
Psw(θ) =
2
γ + 1
ρwv2w⊥(θ) (19)
Tsw(θ) =
(γ − 1)
(γ + 1)2
mp
kB
v2w⊥(θ), (20)
where kB and mp are the Boltzmann constant and the mass of the
proton, respectively. From eq. (20) we also retrieve the well-known
result that the average thermal energy of the post-shock region,
(3/2)kBTsw, is a fraction of the wind kinetic energy, (3/32)mpv2w,
where we used γ = 5/3. The temperature of the shocked wind at
θ = 0 is independent of the disk thermal pressure, i.e. Tsw(0) =
(γ − 1)mpv2w/(γ + 1)2kB. This can be understood as follows: at the
shock front, Psw ∝ (1 − λ)−1 is determined by balancing the pres-
sures while it was shown that ρsw(0) also scales as (1 − λ)−1. From
the ideal gas equation of state, it directly follows that Tsw(0) ∝
Psw(0)/ρsw(0) ∝ const.
The thickness of the shocked region H can be estimated using
the relation H(θ) ≈ σ(θ)/ρsw(θ), where σ is the mass surface den-
sity of the shocked wind. This is defined as σ = Φ2m/R sin θΦt and
is given by
σ(θ) = σ0
g2λ(θ)
2r(θ)(1 − λ) sin θ fλ(θ) . (21)
where σ0 ≡ R0ρd and
gλ(θ) = 2
vd
vw
(1 − cos θ) + r2 sin2 θ(1 − λ). (22)
By combining eqs. (17) and (21) the thickness is found to be
H(θ)
R(θ)
=
1
2
γ − 1
γ + 1
(
vw
vd
)2 g2λ(θ)
fλ(θ) sin θ
(23)
Figure 3 summarizes the semi-analytical results on the proper-
ties of the shocked wind: the angular dependence of the density ra-
tio ρsw/ρd, the temperature Tsw and the thickness H of the shocked
stellar wind shell up to pi/2. A few things that are worth comment-
ing follow:
(i) A higher thermal pressure in the disk causes the shock front
to displace closer towards the star (see Figs. 1 and 2). Both the
increase of λ and the decrease in r(θ) point towards a higher density
ratio of the shocked stellar wind to the disk, ρsw
ρd
, for all angles θ.
This effect becomes prominent for λ ≈ α > 0.1.
(ii) For a given λ, the ratio ρsw/ρd becomes maximum at θ = 0,
i.e. at the shock front. Although ρsw is a decreasing function of θ, at
θ ' pi/2, it is only a factor of ∼ 1.5 lower than its maximum value
(see also eq. (A1) in Appendix A). Thus, the shocked stellar wind
up to that angle is expected to have a non-negligible contribution to
the radiated power.
(iii) The temperature of the shocked wind, which is determined
by the normal component of the stellar wind velocity, has a very
weak dependence on θ. For θ = 0 the temperature is independent
from the thermal pressure of the disk (see discussion after eq. (20)).
It can also be seen that the temperature gradient in the θ direction
is smoothed out as the thermal pressure of the disk increases. For
typical values of the wind velocity, we find the temperature to be in
the ∼ 107 K range (∼keV band).
(iv) The width of the shocked region, which is bounded by the
contact discontinuity and the stellar wind shock front, increases for
higher λ values, since the shock front moves closer to the star (see
also point (i)). For λ 6 0.1, we find that H/R  1 for all angles
up to pi/2, which justifies the use of the thin-shell approximation.
c© 0000 RAS, MNRAS 000, 000–000
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Figure 3. Plot of the density ratio ρsw/ρdu2 (left panel), the temperature Tsw (middle panel), and the thickness H in units of R of the shocked stellar wind shell
(right panel) as a function of the angle θ for the α values marked on the plot. Here, u = vd/vw and vw,8 = vw/(108 cm s−1).
This begins to break down for the case of a very hot disk, where
H/R ∼ 0.35 − 0.55.
3 NUMERICAL SIMULATIONS
To test the validity of the assumptions used to derive the semi-
analytical expressions presented in Sec. 2, numerical hydrody-
namic simulations were employed. Here, we report on the numeri-
cal setup used for describing the accretion disk - stellar wind inter-
actions (i.e., initial and boundary conditions) and present the tech-
nical details of the numerical code. A cylindrical coordinate system
was used in all simulations. Assuming axisymmetry, the simula-
tions were performed in two dimensions and in the rest frame of
the star, which was assumed to be located at a distance z∗ along the
symmetry z-axis.
3.1 Numerical setup
Simulations were carried out for λ = 0.005, 0.1, 0.17, 0.23, 0.29,
and 0.35 (equivalently for α = 0.005, 0.1, 0.2, 0.3, 0.4, and 0.5).
The parameter values used as initial conditions in the numerical
simulations are summarized in Table 1. All simulations were al-
lowed to reach a steady state after an initial period of adjustment
(for details, see Section 3.2). In order to minimize the duration of
the adjustment period, the simulations were optimized as described
below:
(i) A radial stellar wind was continuously injected into the grid
from a spherical surface of radius Rinj centered at z∗. For a wind ve-
locity vw, the wind number density at the injection point was deter-
mined by nw = M˙w/(4piR2injvwmp). The wind thermal pressure was
chosen to be a small fraction of the wind’s ram pressure, namely
Pw,th = αwPw = αwnwmpv2w with αw = 10
−3 or, Pw,th = 10−8nwmpc2.
Such low values of Pw,th were necessary for avoiding any unwanted
wind acceleration.
(ii) A uniform disk medium was continuously injected from the
z = 0 boundary with velocity vd, number density nd and thermal
pressure Pth = αndmpv2d.
(iii) Initially, the grid of the simulation box was filled with a
uniform disk medium moving along the z direction and having the
same properties as these of the fluid that was being injected at the
boundary z = 0. The duration of the adjustment period is reduced
Table 1. Values of the fixed parameters used in the numerical simulations.
Parameter Symbol Reference value
Stellar wind velocity (cm s−1) vw 108
Mass-loss rate (M yr−1) M˙w 10−7
Wind number density (cm−3) nw 480 × 104
Disk velocitya (cm s−1) vd 8 × 108
Wind injection radius (cm) Rinj 2.5 × 1013
Ratio of thermal to ram disk pressureb α 0.005, 0.1, 0.2 0.3, 0.4, 0.5
a Measured in the rest frame of the star.
b The respective Mach number of the disk fluid with respect to the shock for the listed
α values are 11, 2.4, 1.7, 1.4, 1.2, and 1.1 respectively.
with the particular setup. Alternatively, one could initially fill the
grid of the simulation box with the stellar wind medium, assuming
a r−2 dependence of its properties with respect to the center of the
star. It was verified that neither the results nor the duration of the
adjustment period would change significantly in this case.
(iv) Reflection boundary conditions at the z−axis (inner radial
boundary) and outflow boundary conditions at both (radial and ax-
ial) outer boundaries were imposed. The outer boundaries had to
be placed sufficiently far away from the star to avoid the propaga-
tion of numerical artifacts produced at those boundaries towards the
wind-disk interaction region. Typically, the outer radial and axial
boundaries were, respectively, located at 1.2×1015 cm and 2.4×1015
cm.
3.2 Technical details
High-resolution simulations of the wind-disk interaction were per-
formed using the relativistic hydrodynamics code mrgenesis (Mim-
ica et al. 2009). A uniform numerical grid with a typical spacing
∼ 6.67 × 1011 cm was used. In terms of numerical resolution,
this corresponds to a resolution of 1800 points in the radial and
3600 points in the axial direction. mrgenesis uses a third order to-
tal variation diminishing Runge-Kutta scheme (Shu & Osher 1988)
for the time integration and the piecewise-parabolic method (PPM;
Colella & Woodward 1984) for the spatial interpolation. The in-
tercell fluxes are computed with the Marquina flux formula (Donat
et al. 1998). The fluids are assumed to obey the ideal gas equa-
tion of state with the adiabatic index 5/3. The code is parallelized
c© 0000 RAS, MNRAS 000, 000–000
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using MPI3. All simulations were performed on the Tirant super-
computer4. In all cases, the simulation time was set to ∼ 104 hours,
while the typical adjustment period lasted ∼ 103 hours. Snapshots
of the grid state were saved every ' 20 hours, allowing us to fol-
low the temporal evolution of the wind-disk interaction. Each snap-
shot contained the density, pressure and velocity maps (for density
maps, see Fig. 4) that were used to compute the free-free emissivity
(e.g. Fig. 7).
3.3 Comparison
We first performed a qualitative comparison between the results of
the semi-analytical model and the numerical simulations regard-
ing the shape of the shock surface and proceeded with a quantita-
tive comparison of the properties of the shocked stellar wind, such
as temperature and density angular profiles. For this purpose, after
verifying that a steady state has been reached, the simulation snap-
shots for different λ values were post-processed in order to obtain
the following: (i) the characteristic distances R0 and R1, (ii) the tem-
perature and density profiles of the shocked stellar wind shell, and
(iii) the thermal bremsstrahlung power emitted from the shocked
stellar wind.
3.3.1 Geometrical characteristics
Figure 4 presents two-dimensional density maps as obtained from
the simulations for α = 0.005, 0.1 and 0.3. In the first two cases
the star is positioned at (x?, z?) = (0, 5), while in the third case,
its location is (0, 4). The density values (in units of 104 cm−3) can
be read from the colour tables included in each panel. The semi-
analytical results for R and R + H as a function of the angle θ are
overplotted with thick yellow lines. The results for θ 6 pi/2 are
shown with solid lines, whereas dotted lines are used for larger an-
gles. Inspection of Fig. 4 shows that the derived curves straddle
along the interfaces fairly well up to an angle of pi/2. At larger an-
gles, the results start to diverge from the numerical ones; hence,
the reasoning for the θ plotting range in the figures of Sec. 2. Fur-
thermore, the numerical results verify the assumption of a homo-
geneous post-shock region, at least up to pi/2. The main reason for
the deviation between the semi-analytical and numerical results is
the growth of Kelvin-Helmholtz instabilities that cannot be treated
within the adopted analytical framework. These take place at the
interface separating the shocked disk fluid and the shocked stel-
lar wind (i.e. the contact discontinuity). The mixing of the fluids
spreads over a larger volume as the thermal pressure of the disk
increases, while it leads to more turbulent flows.
Regardless, the semi-analytical model captures the rough fea-
tures of the shocked wind shell. The only appreciable difference
between the numerics and analytics for θ . pi/2 is identified close
to the symmetry axis (see bottom panels in Fig. 4) and is a numer-
ical artifact caused by the reflection boundary along the symme-
try axis. As will describe below, this deviation is important when
comparing geometrical characteristics, but for the comparison of
volume-integrated quantities, such as the thermal radiated power, it
does not have a significant effect. Nevertheless, this deviation tends
to diminish as the resolution increases.
3 Message Passing Interface, http://www.mpi-forum.org.
4 More information (in Spanish): http://www.uv.es/siuv/cas/
zcalculo/res/descripcion.wiki at the University of Valencia.
Figure 4. Density maps as obtained from the hydrodynamic simulations for
α = 0.005, α = 0.1, and α = 0.3. The semi-analytical results for the position
of the termination shock R(θ) and the contact discontinuity R(θ) + H(θ) are
shown as thick green lines for θ 6 pi/2 (solid lines) and θ > pi/2 (dotted
lines). The actual value of the density (in units of 104cm−3) can be read
from the colorbar after raising the listed values to the power of 4/3.
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Figure 5. Percentage error of the density ratio (left panel) and temperature of the shocked stellar wind (right panel) obtained from the simulations as compared
with the theoretical (i.e. semi-analytical) expressions for different θ values. The shaded area denotes the angular region where numerical artifacts related to the
inner axial boundary are non-negligible, thus not allowing for a proper comparison with the semi-analytical results.
The standoff-distance, R0, marks the starting point of the an-
alytical model and is the best estimate for the location of the ter-
mination shock at θ = 0. Similarly, a characteristic distance R1 can
be defined at θ ≈ pi (see Sec. 2). Both are found by matching pres-
sures on either side of their respective interface. These values were
determined by first creating a pressure map, similar to the density
maps in Fig. 4, of a snapshot taken after the simulation has reached
a steady-state. The first non-negligible jumps in the pressure found
at z < z? and z > z? represent the locations of R0 and R1, re-
spectively. The results are summarized in Table 2. Overall, a good
agreement is found: the distances determined by the simulations
scale with α as predicted by the analytics (e.g. see eq. (1)), while
the fractional errors are ∼ 20% for all cases with α > 0.1. For
colder disks (α  0.1), the original assumption, that the pressure
of the post-shock wind is of the same order as the disk pressure,
breaks down, thus preventing us from obtaining a reasonable value
for R1 (see also Table 2). In the specific example of α = 0.005, the
numerical simulations show that Psw  Pth.
The quantitative differences found between the analytical and
numerical values of R0 are most likely caused by numerical arti-
facts at the inner axial boundary of the simulation. By further ex-
amining the nw and vw of the unshocked wind close to θ = 0, within
the region bounded by the shock front and the injection radius, it
was found that nw is twenty percent lower than the specified initial
condition for α = 0.005 while it is only ten percent lower for the
remaining α values.
The deviations in R1, displayed in Table 2, are much larger
than those in R0. Moreover, the distance R1 oscillates during the
simulation about a mean value but never reaches a stationary value,
in contrast to R0. Both results are related to the growth of Kelvin-
Helmholtz instabilities within a significant fluid volume behind the
star (see Fig. 4). On the one hand, the instabilities cause waves
to propagate towards the axis (behind the star) upon which they
are reflected. The reflected waves, in turn, make the shape of the
shock surface far beyond the star to oscillate. On the other hand,
the shocked disk medium behind the star is very complex due
to Kelvin-Helmholtz instabilities, thus leading to large pressure
Table 2. Distance of the termination shock at θ = 0 and θ = pi as de-
rived from the simulation and the semi-analytical model. For α = 0.005,
the model assumption required for the determination of R1 breaks down
(for details, see text).
α λ R0 (in 1014cm) R1 (in 1014cm)
model simulations model simulations
0.005 0.005 0.68 0.60 9.68 2.52
0.1 0.10 0.65 0.54 2.06 1.56
0.2 0.17 0.63 0.52 1.54 1.20
0.3 0.23 0.60 0.51 1.25 0.95
0.4 0.29 0.58 0.50 1.08 0.82
0.5 0.35 0.55 0.48 0.93 0.77
changes; the pressure at e.g. θ = pi/2 can vary by as much as one
order of magnitude which corresponds to small variations in R1.
3.3.2 Temperature and density profiles
The density and temperature of the shocked stellar wind region as
a function of θ are described by the analytical expressions (20) and
(17) presented in Sec. 2. In order to compare the derived results
with those from the simulations, density and temperature values
were extracted from their respective two-dimensional maps for dif-
ferent θ values while moving along a curve that falls within the
shell. Based on the assumption that these quantities are radially in-
dependent (refer to the simulation snapshots in Fig. 4 for a visual
confirmation), any choice of curve that overlaps with the shocked
shell is acceptable. Here, a curve was chosen with a radial distance
of r(θ) + H(θ)4R0 from the star.
The main objective in the comparison of the temperature and
density profiles is to determine the deviation between the semi-
analytical and numerical results. For this procedure, the percentage
error was computed while adopting the semi-analytical results as
the exact values. The results of the comparison for α = 0.1 and
0.3 are displayed in Fig. 5. In each plot, angles close to zero, rep-
resented by the shaded region in the figure, were excluded in the
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comparison for reasons explained in the previous section. The re-
sults for the temperature (right panel in Fig. 5) are in good agree-
ment with the semi-analytical model and fall within 15% of the
predicted values. As for the angular profile of the density ratio (left
panel in Fig. 5), a good agreement is found for both α = 0.3 and
0.1 with most errors falling within 35% of the theoretical values.
However, there is a slight deviation found in the α = 0.1 case for
large angles. This deviation is reasonable for angles close to pi/2,
for this is the point at which the model tends to break down.
3.3.3 Thermal bremsstrahlung luminosity
As the stellar wind is shocked by the interaction with the accretion
disk, the shocked gas begins to cool via thermal bremsstrahlung
emission. The total radiated thermal luminosity from the shocked
shell is given by
Lshell = 2pi
∫ pi/2
0
sin θ dθ
∫ Rmax(θ)
R(θ)
dR′R′2
d2W (θ)
dtdV
, (24)
where Rmax(θ) ≡ R(θ) + H(θ), d2W/dtdV is the free-free emissivity,
and the integration is performed up to θ = pi/2 where the agreement
between the semi-analytical model and the simulations is good. The
above expression also implies that there is no gradient of the tem-
perature and density in the radial direction within the shell, namely
that the shocked fluid in the shell is homogeneous. This is veri-
fied by the simulation results (see Fig. 4). For the case of a wind
composed of pure hydrogen, analytical expressions for the free-free
emissivity are available (see e.g. eq. (5.15b) in Rybicki & Lightman
(1986)). In the more realistic scenario of a stellar wind with so-
lar metallicity, appropriate tables for the free-free cooling function
were used (Sutherland & Dopita 1993).
Before performing any computation of the radiated power pro-
duced by the shocked wind, it is important to remove any contribu-
tions from the unshocked wind and disk. The emission from the
unshocked disk, in particular, is expected to be non-negligible for
large α values and is considered to be a background emission for
the purposes of the present study. To remove these ‘unwanted’ re-
gions from the simulation snapshots, certain cuts in the temperature
maps were made by setting the temperature of specific data points
to zero. Throughout every simulation, it was found that the shocked
wind never reaches temperatures below 106 K. Cutting any data
point with a temperature below this value allowed for the removal
of unwanted contributions from the cool, unshocked wind. A cut
is also made for regions with temperatures above 108.5 K, as this
is the maximum temperature value included in the cooling factor
tables (Sutherland & Dopita 1993).
The total bremsstrahlung power produced by various regions
within the simulation is computed for the cases of pure hydrogen
and solar metallicities by converting the general form of the double
integral in eq. (24) into a double, discrete sum, namely
L = 2pi
∑
z
∑
x
x
dW(x, z)
dtdV
∆z∆x (25)
where ∆x and ∆z are the spacing between each data point in the
x and z directions, respectively. The total radiated power produced
by the shell is determined by eq. (25) while limiting the angle of
integration up to θ = pi/2. The results are presented in Fig. 6 where
the simulation markers are representative of the six α values given
at the beginning of Sec. 3. The results obtained assuming gas with
solar metallicity and pure hydrogen are plotted with red and black
lines, respectively. Inspection of the figure shows a good agree-
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Figure 6. Logarithmic plot of the thermal bremsstrahlung luminosity emit-
ted from the shocked stellar wind shell as function of α. The results obtained
assuming gas with solar metallicity and pure hydrogen are plotted with red
and black lines, respectively. The results from simulations for various α
values are overplotted with symbols.
ment between the results of the semi-analytical model and the sim-
ulations for both gas compositions considered. The outcome of the
comparison was not trivial, given that the radiated power is a convo-
lution of the gas temperature, density and emitting volume. When
solar metallicity is taken into account, an increase of the radiated
power is found, for all α values, compared to the case of pure hy-
drogen. The effect becomes more prominent for hotter disks and is
of importance for the application to Sgr A*, as will be shown next
in Sec. 4.
For fluids composed of pure hydrogen, in particular, the good
agreement between the results allows us to use the semi-analytical
model in order to derive scalings of the bremsstrahlung luminosity
on parameters, such as the wind velocity and disk thermal pressure.
The bolometric bremsstrahlung power of the shell may be written
as
Lshell ∝ M˙3/2w n1/2d v−3/2w vd(0.3 + 0.47α1.41). (26)
The appropriate scaling is determined by first noting that the free-
free emissivity, given in eq. (24), scales as T 1/2sw and n2sw (see also
eq. (5.14a) in Rybicki & Lightman (1986)), while the total lumi-
nosity scales as R30. By use of eqs. (1), (17), and (20) one may ac-
curately obtain the appropriate scalings for M˙w, nd, vw, and vd. To
obtain the appropriate scaling for α (i.e. last term in the right-hand
side of eq. (26)), a non-linear fit was performed on the black points
in Fig. 6.
Similar methods can be used to determine the appropriate pa-
rameter scalings for a stellar wind composition of solar metallici-
ties. For this case, the luminosity has the same scaling for M˙w and
nd as in eq. (26) while the dependence on α is (1.83+2.2α1.18). The
α scaling is made by performing a non-linear fit to the red points in
Fig. 6.
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Figure 7. Free-free emissivity map as obtained from the simulation for
α = 0.3, assuming gas composed of pure hydrogen. The star is located
at (x?, z?) = (0, 4).
Table 3. Total luminosity produced from simulations including contribu-
tions from the long tail of mixed fluids behind the star.
Pure Hydrogen Solar Metallicity
α λ L (×1032 erg s−1) L (×1033 erg s−1)
0.005 0.005 0.736 0.511
0.1 0.1 2.008 1.168
0.2 0.17 3.017 1.541
0.3 0.23 3.752 1.759
0.4 0.29 5.292 2.424
0.5 0.35 6.203 2.815
3.4 The role of Kelvin-Helmholtz instabilities on the
bremsstrahlung luminosity
A result that could not be predicted from the semi-analytical model
presented in Sec. 2 is the efficient mixing of the disk and wind flu-
ids due to Kelvin-Helmholtz instabilities. Although the density of
the gas is not as high as in the shocked shell region, the occupied
volume by the mixed fluids is considerably larger. This is illus-
trated in Fig. 7 where a large scale, two-dimensional map of the
free-free emissivity, in the case of pure hydrogen, is plotted for a
hot disk with α = 0.3. Although the details of the turbulent struc-
tures are not visible, Fig. 7 clearly shows that the emissivity from
the mixed fluids at distances of 14 × 1014 cm away from the star
is non-negligible. To better assess the role of Kelvin-Helmholtz
instabilities on the bremsstrahlung luminosity, the radiated power
was computed by use of eq. (25) for a larger volume within the sim-
ulation. This volume included the shocked shell region for θ > pi/2
and the regions extending beyond R1, which stretches anywhere be-
tween 7×1014−2×1015 cm above z∗. The results are summarized in
Table 3 and demonstrate that the mixing region produces a signifi-
cant contribution to the luminosity of the entire simulation. This is
of the same order or even larger than that produced by the shocked
shell as compared with Fig. 6.
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Figure 8. Cumulative bremsstrahlung luminosity, L(6 z), calculated assum-
ing solar metallicity, for the α values marked on the plot. The vertical line
indicate the position of the star, z∗ = 5 × 1014 cm, in the simulation runs.
The results listed in Table 3 also raise the question of whether
the size of the simulation box is sufficiently large enough to capture
all the radiated power produced by the mixed fluids. This issue can
be addressed by calculating the cumulative luminosity L(6 z) ≡∫ z
dz′L(z′). This is presented in Fig. 8 for the five α values listed
at the beginning of Sec. 3.1 while assuming solar metallicity. The
vertical line indicates the position of the star, z∗ = 5 × 1014 cm, in
the simulation runs. In both cases, it was found that the cumulative
luminosity begins to converge to a final value at z ≈ 2.5z∗ ≈ 12 ×
1014 cm. However, the gradient along the symmetry axis, i.e. dL/dz,
is much steeper in hotter disk cases. The increase in α also causes
an increase in the total luminosity of the simulation snapshots; this
is found to scale as α0.56.
4 APPLICATION TO SGR A*
Sgr A*, the compact radio source associated with the supermas-
sive black hole in our Galactic center, spends most of its time in a
low-luminosity, X-ray emission state with an absorption corrected
luminosity of ≈ 2.4 × 1033 erg s−1 (Baganoff et al. 2003; Genzel
et al. 2010). However, X-ray flares with durations ranging from
minutes to hours and luminosities well above the quiescent emis-
sion of Sgr A* are frequently observed (e.g. Baganoff et al. 2001;
Barrie`re et al. 2014). The physical cause of these rapid flares is not
yet understood. Some of the hypothetical scenarios used to model
these occurrences are an episodic outflow triggered by magnetic re-
connection (Yuan et al. 2009), enhanced mass accretion (Tagger &
Melia 2006), or a possible hot spot in the accretion flow (Dodds-
Eden et al. 2010).
Month-long X-ray flares are expected from the pericenter pas-
sage of certain S-stars as they precess through the accretion disk
of Sgr A* (Giannios & Sironi 2013). The present work will be ori-
ented towards S2, whose upcoming pericenter passage will occur in
2018. This early, B-dwarf star is characterized by a mass-loss rate
of M˙w 6 3 × 10−7 Myr−1, stellar wind velocities of vw = 108 cm
s−1, and a pericenter orbital velocity of vd = 8 × 108 cm s−1. Dur-
ing the transit of the star through the disk, the star will encounter
sections of the disk with different densities. In the following sec-
tion, this change in density is mimicked by employing the use of
a time-dependent density simulation, without adopting a specific
model for the accretion disk.
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4.1 Mimicking the pericenter passage of S2
As shown in Sec. 3, a significant fraction of the bolometric
bremsstrahlung emission originates from a long tail of mixed flu-
ids. For the astrophysical application we are interested in, it is not
known a priori if the S2 pericenter passage lasts long enough as to
allow for the full mixing of the fluids to distances far behind the
star. If tper and tmix denote the two characteristic timescales of the
pericenter passage and mixing, the maximum bremsstrahlung lu-
minosity is expected for the case tper  tmix. To address this issue,
time-dependent simulations are required.
In what follows, the pericenter passage of the star is mimicked
by varying the disk density used as an initial condition in the sim-
ulation. The temporal dependence of the disk number density is
modeled as
n˜d(T ) = 1 +
9
cosh
(
T−25T0
3T0
) (27)
where T0 = 7.5 × 105 s and n˜d = nd/(104cm−3). The density
smoothly increases from its reference value at T = 0, reaches a
maximum value of n˜d = 10 at ∼ 5200 hr, and decreases to its ini-
tial value onwards. The density peaks on a timescale of ∼ 3T0 ∼ 1
month, which is comparable to the time it takes S2 to complete its
pericenter passage. Due to the variable disk density, the surface of
the termination shock oscillates by factor of 2 in distance, lead-
ing also to a variable bremsstrahlung emission. Interestingly, the
region of mixed fluids, described in Sec. 3.4, was quickly formed
before the peak density was reached, while it was found to extend
to a fairly large distance beyond the star. The inclusion of this tail
region to the total luminosity of the system is, therefore, a valid
assumption.
Tracking the evolution of the luminosity is completed by cal-
culating the thermal bremsstrahlung emission from several snap-
shots, as described in Sec. 3.3.3. The results are summarized in
Fig. 9 where the two light curves are plotted for the different wind
compositions under consideration. For comparison, the temporal
variation of the density is overplotted (green line). The dashed,
blue line denotes the X-ray luminosity corresponding to the qui-
escent emission of Sgr A*. Any model prediction falling in the
blue-shaded region is too low to be distinguished from the quies-
cent emission. For the case of solar metallicity, it was found that
a month-long flare above the quiescent emission is expected, with
a peak reaching L ≈ 4 × 1033 erg s−1. This is a rather conservative
value, given that a higher luminosity is expected for hotter disks
with α > 0.1 (see also Fig. 8).
Figure 9 shows that there is a time-lag between the density and
photon temporal profiles. The peak of both light curves appears at a
later time than the peak of the density profile. As stated in Sec. 3.4,
the back area of mixed fluids that is prone to Kelvin-Helmholtz in-
stabilities, contributes a large portion to the total luminosity of each
simulation snapshot. The time-lag between the peak luminosity and
the peak density reflects the time required for the tail region to feel
the effects of the density changes.
5 DISCUSSION
This model can be considered an extension of the work performed
by GS13. Upon comparing the two models, similarities can be
found in the temperature and density of the shocked shell. How-
ever, even with these similar values, the two works differ in the
amount of bremsstrahlung power produced by the shell. This dif-
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Figure 9. Light curves produced from time dependent density simulation
for the case α = 0.1. The colour coded curves correspond to the different
stellar wind compositions as marked on the plot.
ference can be explained by the following. The previous work of
GS13 assumed that a circular termination shock formed in the wind
at a radial distance of R0 and that the shocked fluid radiates on
an expansion timescale while traversing a distance of R0 after the
termination shock. This is equivalent to having an emitting region
with a volume V ∼ 4piR30. This work has shown that the thickness is
instead H ∼ R0/4 meaning that the volume of the emitting region
is V ∼ 2piR20H ∼ 0.5piR30. It is an interesting coincidence that when
effects of the large back region are included into the total luminos-
ity of the system, the luminosities produced by this work and GS13
are of the same order.
In Sec. 3.3.3 a scaling relation of the shell’s bremsstrahlung
power on the model parameters M˙w, nd and α was derived (see
eq. (26)). The derivation of a similar scaling relation for the
bremsstrahlung power from the whole emitting volume (i.e., shell
plus tail) is not straightforward. The main reason is that the volume
of the tail region could not be determined analytically. As long as
the tail of mixed fluids can be approximated by a cylindrical volume
with cross sectional area A ∝ R20 and length ∝ R0, no large devia-
tions from the scalings in eq. (26) are expected. This has been veri-
fied by running various steady-state simulations for different values
of M˙w while keeping all other parameters fixed. It was discovered
that the total luminosity scales as L ∝ M˙1.3w which verifies our previ-
ous statement that the volume of the emitting region roughly scales
as R30. By tracking the evolution of the total bremsstrahlung power
and the disk density during the time-dependent simulation, we find
L ∝ n0.512d . The dependence on density is therefore similar to that
of eq. (26). We note that the scaling relation was determined by
performing a linear fit to a plot of log(L/L33) vs. log(nd/nd,4).
Although no specific model was adopted for the accretion disk
during this work, it behooves us to briefly discuss a few of the cur-
rent proposed models. Through GRMHD simulations, the profile of
the number density was shown to scale as R−1 with typical values
at a radial distance ∼ 3000Rg being ∼ 104 cm−3 (Sadowski et al.
2013; Tchekhovskoy & McKinney 2012; McKinney et al. 2012). If
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instead, the accretion flow around Sgr A* is advection dominated
(ADAF), the density profile is steeper, i.e. nd ∝ R−3/2. Given that X-
ray observations probing the disk density close to the Bondi radius
(Rb ' 2 × 105 Rg) result in nd,b = 100 cm−3 (Baganoff et al. 2003),
the density of an ADAF disk at the S2 pericenter distance would be
∼ 105 cm−3 (Narayan & Yi 1994). This is the peak density reached
within our time-dependent simulations. Thus, the results presented
in Sec. 4.1 fall within the latter of the models.
Besides the number density, the thermal pressure of the disk,
and therefore α, are also model-dependent; however, there are less
restrictions on the range of allowed α values. This parameter is
not limited to being less than unity and has a substantial effect on
the flare’s luminosity. For small α values, such as α 6 0.1, a high
density (i.e., nd & 105 cm−3) is required for the production of an
observable X-ray flare due to wind-disk interactions. If the α value
becomes larger (i.e. α > 0.1), the requirement for a high number
density of the disk is relaxed and, in turn, a wider range of density
profiles becomes relevant. Interestingly, the thermal pressure in the
disk directly affects the thickness and, therefore, the time it takes
for the star to cross it. The scale height at the midplane of the disk
can therefore be probed by the duration of the flare.
This work, though oriented towards the study of S2’s passage
through the accretion disk, can be applied to the study of other stars
within the S-Cluster. For example, S14, another early type B-star is
characterized by a close pericenter occuring next in 2047 (Gillessen
et al. 2009b). Doing so might allow one to constrain properties not
only of these stars but also the accretion disk at various gravita-
tional radii away from Sgr A*.
Although this work is focused on the thermal emission pro-
duced by the shocked wind, it is possible that there are other
sources of emission occuring throughout the system. Through the
interactions with the stellar wind, the disk undergoes a shock which
may accelerate non-thermal particles (Sadowski et al. 2013). GS13
explored possible inverse Compton signatures and concluded that
detection may be possible in the hard X-ray regime. It has also
been discussed that accleration at the termination shock of the wind
could produce synchrotron emission with possible detections in the
radio and infrared band (Ginsburg et al. 2016). However, this is
observed for a large stellar mass-loss rate of M˙w = 10−6 M yr−1.
This mass-loss rate from S2 is expected to be lower (Martins et al.
2008).
Although this work is meant to give a somewhat basic descrip-
tion of S2’s pericenter passage, tidal effects and the acceleration of
the star during its pericenter transit are ignored. It has been shown,
in the case of G2’s recent pericenter passage, that tidal stretching
dominates the evolution of the shocked fluids close to the pericenter
(Ballone et al. 2013; Gillessen et al. 2014). These effects are then
relaxed after the pericenter passage has been reached and our ap-
proach becomes more accurate. It is expected that as S2 approaches
its pericenter, the density of the mixing region increases with re-
spect to our simulated values (see Fig. 2 in Ballone et al. (2013))
due to both compression in the cylindrical radial coordinate and
stretching in the z coordinate. Tidal forces are, therefore, likely to
increase the thermal emission from the shocked region. Moreover,
it is interesting to note that if the compression in the cylindrical ra-
dial direction is too high, it is possible that the mixing region would
decouple from the star, as depicted in Ballone et al. (2013).
6 SUMMARY
The formation a bow shock in the stellar winds of a massive
star through interactions with a hot dense medium is accurately
described through the prescription of momentum-supported bow
shocks. The application of this model to the study of S2’s pericen-
ter passage as it processes through the accretion disk of Sgr A*
results in the shocked wind cooling via thermal bremsstrahlung
emission in the ∼keV band. The predicted peak X-ray luminos-
ity is L ≈ 4 × 1033 erg s−1 for a stellar mass-loss rate, disk den-
sity, and thermal pressure strength equal to M˙w = 10−7 M yr−1,
nd = 105 cm−3, and α = 0.1, respectively. Fits to the numerical
results show that the X-ray luminosity scales with the model pa-
rameters as L ∝ n0.51d M˙1.3w α0.56. The estimated value, which may be
higher by a factor of 3-4 for hotter disks, exceeds the flux level of
the quiescent X-ray emission from Sgr A* and is, therefore, po-
tentially detectable. The detection (or not) of a month-long ∼ keV
X-ray flare at the next pericenter passage of S2 (mid-2018) will
constrain the density and thermal content of the accretion disk at a
few thousand gravitational radii from the supermassive black hole.
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APPENDIX A: PARAMETER SCALINGS WITH λ
To derive the scalings of the density, temperature and thickness
of the shocked stellar wind region with λ, at the maximum angle
where the semi-analytical formalism applies (θ = pi/2), one must
first determine the λ-dependence of r
(
pi
2
)
≡ rpi/2. It was found by
fitting to λ that rpi/2(λ) ≈ a − bλ where a = 1.726 and b = 0.834.
The density at this angle then depends on λ as
ρsw,pi/2 = [(1 − λ) (a − bλ)2]−1, (A1)
where rpi/2 was substituted in eq. (17). The temperature of the
shocked region is dependent upon λ through vw⊥, governed by
eq.(18). At pi/2 we find
Tsw,pi/2 ∝ v2w⊥,pi/2 ∝
[
1 − r2pi/2(λ)
]2(
pi
2
)2
(1 − λr2pi/2(λ))2 + (1 − r2pi/2(λ))2
· (A2)
The thickness of the shocked region at pi/2 is written as
H(pi/2)
R(pi/2)
∝
(
2 vdvw + r
2
pi/2(1 − λ)
)2[(
pi
2
)2
(1 − λr2pi/2(λ))2 + (1 − r2pi/2(λ))2
]1/2 · (A3)
At an angle of θ = 0, where the initial condition is r(0) = 1,
the desnity ratio goes as the square of u ≡ vdvw
ρsw/ρd = 4u2(1 − λ)−1 (A4)
c© 0000 RAS, MNRAS 000, 000–000
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where we have adopted an adiabatic index of γ = 5/3. As described
in Sec 2.2, the temperature of the shocked wind is independent of
λ at θ = 0
Tsw(θ = 0) =
3
32
kb
mp
v2w. (A5)
This comes from the use of the ideal equation of state and the can-
celation of the λ dependence from both ρsw and Psw.
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